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ABSTRACT
Active Galactic Nuclei are powered by geometrically-thin accretion disks surrounding a central su-
permassive black hole. Here we explore the evolution of stars embedded in these extreme astrophysical
environments (AGN stars). Because AGN disks are much hotter and denser than the interstellar
medium, AGN stars are subject to very different boundary conditions than normal stars. They are
also strongly affected by both mass accretion, which can runaway given the vast mass of the disk,
and mass loss due to super-Eddington winds. Moreover, chemical mixing plays a critical role in the
evolution of these stars by allowing fresh hydrogen accreted from the disk to mix into their cores. We
find that, depending on the local AGN density and sound speed and the duration of the AGN phase,
AGN stars can rapidly become very massive (M > 100M). These stars undergo core-collapse, leave
behind compact remnants and contribute to polluting the disk with heavy elements. We show that
the evolution of AGN stars can have a profound impact on the evolution of AGN metallicities, as well
as the production of gravitational waves sources observed by LIGO-Virgo. We point to our galactic
center as a region well-suited to test some of our predictions of this exotic stellar evolutionary channel.
Keywords: stars: evolution, stars: massive, quasars: general, Galaxy: center
1. INTRODUCTION
The discovery of quasars (Schmidt 1963) led to a fun-
damental breakthrough in our perception of the emer-
gence and evolution of galaxies. These powerful sus-
tained cosmic beacons are the brightest members of a
large population of active galactic nuclei (AGNs, Ho
2008). It is widely accepted that they are powered by
the release of gravitational energy as mass falls onto su-
permassive black holes via accretion disks at ferocious
rates M˙bh (Lynden-Bell 1969).
Over the past five decades, observations have accu-
mulated a vast amount of data on AGNs. In many
cases, AGNs outshine their host galaxies over a wide
wavelength range from radio and IR to UV and X-ray.
Outflowing jets are commonly found to originate from
AGNs. Depending on the relative prominence of some
observed features, AGNs have been classified into sub
categories. In an attempt to characterize their common
phenomenological traits and exotic diversity, an empir-
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ical unified model has been proposed (Antonucci 1993;
Netzer 2015) for the entire AGN population in terms of
the line-of-sight prospect. In this model, AGNs possess
central SMBH (with mass Mbh ∼ 106−10M) which are
surrounded by geometrically-thin accretion disks (with
aspect ratio h = H/r . 10−2) as suggested by Lynden-
Bell (1969). Further out, at a distance of light weeks
to months from the SMBH, these disks are shrouded
by geometrically thicker layers of fast moving clouds
which produce the broad emission lines seen in some
AGN spectra. A well-puffed-up torus (with h & 10−1)
of cold, molecular gas is located between ≈ 0.1 - 10 pc
(Nenkova et al. 2008). Since it is optically thick in the
direction of the central SMBH, this torus blocks both
the thin accretion disk and the broad line regions from
view if they are seen edge-on. The so-called “narrow
line region” is found further out at & 102pc in the host
galaxies. Compared to the broad line region, these nar-
row lines are emitted by relatively small, low-density
gas clouds moving at much smaller velocities (Boroson
& Green 1992; Antonucci 1993; Ferrarese & Ford 2005;
Ho 2008; Alexander 2017).
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In the last two decades, surveys with XMM, SDSS,
and Chandra have greatly expanded the database of
AGNs and provided evidence that SMBHs coevolve with
their host galaxies (Fabian 2012; Kormendy & Ho 2013;
Heckman & Best 2014). The redshift-dependent AGN
luminosity (L) function has been used to construct pop-
ulation synthesis models (Yu & Tremaine 2002; Mar-
coni et al. 2004) to infer the energy-dissipation efficiency
factor ( = L/M˙bhc2), the ratio λ = L/LEdd where
LEdd = 4piGMbhmpc/σT ≈ 3.2 × 104L(Mbh/M) is
the electron-scattering Eddington limit (Eq. 16), and
the duty cycle of AGNs as functions of the SMBHs’ mass
(Mbh) and redshift (z). These analyses show that the
most luminous AGN phases generally last ∼ 108−9 yr,
although shorter AGN lifetimes are certainly possible
(King & Nixon 2015; Schawinski et al. 2015). During
these phases, Mbh grow substantially with λ ∼ 0.6 and
 ∼ 0.06 (Shankar et al. 2009, 2013; Raimundo & Fabian
2009).
Detailed spectroscopic modeling of the broad emis-
sion lines (Nagao et al. 2006; Xu et al. 2018) indicate
that in AGNs, the α-element abundance is 1) generally
higher than the solar value, 2) an increasing function
of Mbh, but 3) independent of redshift. The detection
X-ray florescence 6.4 kev K-shell emission line (Tanaka
et al. 1995; Yaqoob et al. 1996; Nandra et al. 1997) sug-
gests that iron abundance close to the SMBH may also
be substantial, though there are not yet any quantitative
constraints. These observed properties can be explained
if heavy elements are produced in accretion disks either
near or outside the broad line regions and accreted into
the super massive black holes at the center (Artymow-
icz et al. 1993). Indeed observations indicate a link be-
tween AGNs and ongoing in situ star bursts (Alexander
& Hickox 2012). It has been hypothesized (Ishibashi &
Fabian 2012) that rapid star formation may also lead to
an elevated occurrence of supernovae, an upsurge in the
dust production rate, a reduction in LEdd (due to an in-
crease in the dust opacity), the clearing of outer regions
of the disk, and the quenching of AGN activities.
The common existence of SMBH in normal galaxies
is inferred from the measured surface-brightness and
velocity-dispersion distribution (Kormendy & Ho 2013).
In contrast, the modest occurrence rate of AGN activ-
ities suggests a low duty cycle (∼ 10−2). The centers
of typical galaxies are quiescent and most SMBH’s in
galactic nuclei are accreting at a slow rate with λ 1.
For example, the center of the Milky Way hosts a
Mbh = 4× 106M (Ghez et al. 1998, 2003a, 2008; Gen-
zel et al. 1997, 2010; Gillessen et al. 2009; Schödel et al.
2009; Boehle et al. 2016). Within 1 pc from it, there
are ∼ 107 mostly mature stars (Do et al. 2009a; Genzel
et al. 2010). There are also ∼ 102 massive OB and Wolf-
Rayet (WR) stars residing within ∼0.05-0.5 pc around
the Sgr A∗ SMBH (Krabbe et al. 1995; Genzel et al.
2003; Ghez et al. 2003b; Levin & Beloborodov 2003;
Alexander 2005; Paumard et al. 2006). Their estimated
age is ∼ 4 − 6 Myr (Ghez et al. 2003c). Since a frac-
tion of these young and massive stars lie in one or more
orbital plane (Löckmann & Baumgardt 2009), it is of-
ten assumed that they were either formed (Goodman
2003; Levin & Beloborodov 2003) or capture and reju-
venated (Artymowicz et al. 1993; Davies & Lin 2020)
in a common disk around the central SMBH. Although
there are stringent upper limits on the presence of gas
in the vicinity of the SMBH in the Galactic Center to-
day (Murchikova et al. 2019), the existence of a disk,
once active during or after the formation of the massive
stars, may be inferred from the “Fermi Bubble” above
and below the Galactic plane (Su et al. 2010). Such a
disk may have λ (= L/LEdd) comparable to that of ac-
cretion disks around similar-mass SMBH in AGNs. By
analogy with metal-rich AGNs, the evolution of massive
stars may lead to heavy-element enrichment near Sgr A∗.
Super-solar metallicity has indeed been detected in the
spectra of some stars within 0.5 pc from the Galactic
Center (Do et al. 2018).
The possibility of stars being born inside, or captured
by, an AGN disk has been extensively discussed in the
literature (See e.g. Syer et al. 1991; Artymowicz et al.
1993; Collin & Zahn 1999; Levin 2003; Goodman & Tan
2004; Nayakshin & Cuadra 2005; Collin & Zahn 2008;
Wang et al. 2011; Mapelli et al. 2012; Dittmann & Miller
2020). However, the problem of the evolution of stars
embedded in AGN disks has not been addressed in de-
tail. One of the assumptions behind the conventional
theory of stellar evolution is that stars evolve in tenuous,
low temperature gas, i.e. the interstellar medium. This
assumption sets the outer boundary conditions of the
stellar evolution problem, allowing the computation of
the stellar structure and its evolution on the long nuclear
burning timescale. Even in the case of binary interac-
tions, the stellar properties are usually only modified by
episodes of mass and angular momentum exchange with
a stellar companion. While potentially decisive for the
final outcome (Langer 2012; de Mink et al. 2014), these
episodes are usually short-lived compared to the stellar
lifetime. The accepted wisdom is that stars spend the
majority of their life in a cold vacuum.
In comparison with the interstellar medium (ISM), the
temperatures and densities that can be found in a large
volume of AGN disks are extreme (§ 2). Therefore stars
embedded in an AGN disk should be evolved includ-
ing very different boundary conditions (§ 3) than those
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evolving in the ISM. In particular, AGN stars should be
evolved accounting for potentially large external temper-
atures, densities, and accretion rates during large frac-
tions of the stellar lifetime (§ 4). In this paper we discuss
the adjustments required to stellar evolution models (§5)
to calculate the structure and evolution of stars embed-
ded in AGN disks. Using typical AGN disk conditions
we show in § 6 the results of applying these new stellar
calculations to evolve models of stars embedded in dif-
ferent parts of an AGN disk. In § 7 we discuss possible
observational signatures of AGN stars evolution. The fi-
nal section of the paper summarizes and concludes this
work.
2. STARS IN AGN DISKS
Broadly speaking, there are two ways for a star to end
up in such extreme astrophysical environment: in-situ
formation (Collin & Zahn 1999; Levin 2003; Goodman &
Tan 2004; Collin & Zahn 2008; Wang et al. 2011; Mapelli
et al. 2012) and capture (Syer et al. 1991; Artymowicz
et al. 1993).
2.1. In-Situ Formation
Extended AGN accretion disks are expected to be-
come self-gravitating and unstable to fragmentation
(Paczynski 1978; Kolykhalov & Syunyaev 1980; Shlos-
man & Begelman 1987; Goodman 2003). It has been
suggested that some gravitationally unstable AGN disks
are likely to produce stars, with theoretical predictions
showing a preference for the formation of massive ob-
jects (Levin 2003; Goodman & Tan 2004; Dittmann &
Miller 2020). If these stars are able to further accrete
after formation, then they can eventually become su-
permassive (Goodman & Tan 2004). For this channel
it is important to note that, although gravitational in-
stabilities strongly amplify spiral structures and lead to
torque-induced angular momentum transfer, they don’t
necessarily induce fragmentation and produce young
stars unless the cooling time of the disk is comparable to
or shorter than the local dynamical time scale (Gammie
2001, but see also Hopkins & Christiansen (2013)).
2.2. Capture
Stars orbiting the central regions of galaxies can in-
teract with the disk around a SMBH. This interaction
results in energy and momentum loss which, over many
passages, can bring a star into a circular orbit corotat-
ing with the disk (Syer et al. 1991; Artymowicz et al.
1993). This trapping process relies on hydrodynamical
drag as well as the excitation of resonant density waves
and bending waves, and can be an efficient mechanism
for r . 10 pc (Artymowicz et al. 1993; Just et al. 2012;
Kennedy et al. 2016; MacLeod & Lin 2020; Fabj et al.
2020). Since the stellar density is expected to be high
in these regions (n∗ ∼ 106 pc−3) a large number of stars
can potentially be trapped during periods of AGN ac-
tivity.
Supermassive Star
Massive Star
Low-Mass Star
Compact Remnants
AGN 
Disk
Nuclear Star Cluster
Figure 1. Schematic representation of stellar evolution
in AGN disks. Stars in the inner few parsecs of the disk
are either the result of capture or in-situ formation. Their
evolution is strongly affected by the local AGN conditions,
possibly leading to a population of massive and supermassive
stars.
2.3. Observational Evidence
Direct observation of the presence of stars in AGN
disks is challenging given the overpowering luminosity
of the central galactic regions, especially during periods
of activity (Goodman & Tan 2004). Nevertheless, in-
situ star formation and/or stellar captures could leave
observational signatures in the stellar populations which
are easier to observe in galactic nuclei during quies-
cent states. For example, compact stellar clusters are
found in the central ∼ 5 pc of several galaxies. In some
galaxies, they co-exist with SMBHs (See e.g. Wehner
& Harris 2006; Neumayer et al. 2020). In the center
of our Galaxy, the young stars are observed to have a
top-heavy present day mass function (e.g., Nayakshin
& Sunyaev 2005; Nayakshin et al. 2006; Paumard et al.
2006; Alexander et al. 2007; Bartko et al. 2010), which
provides some evidence for stellar capture (Artymow-
icz et al. 1993), star formation (Levin 2003; Goodman
& Tan 2004), and the findings in this paper (§ 6). An-
other interesting finding is the rarity of mature red giant
branch (RGB) stars and the overabundance of young,
early-type stars near the Sgr A∗(Do et al. 2009b; Buch-
holz et al. 2009; Bartko et al. 2010). This correlation
supports the notion that capture and rejuvination by
accretion may have enhanced the young stellar popula-
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tion close to galactic centers at the expenses of the older
population (Davies & Lin 2020).
Below we discuss stellar evolution models of stars em-
bedded in AGN disks. The results of these novel calcu-
lations will give us the ability to explore in § 7 further
observational tests for this scenario.
3. AGN DISK MODEL
The assessment of background density ρ and temper-
ature T requires a model for the AGN accretion disk.
In conventional accretion disk theory (Shakura & Sun-
yaev 1973; Pringle 1981; Frank et al. 2002), the struc-
ture of axisymmetric, geometrically-thin accretion disks
is approximated through the separation of radial (R)
and vertical (normal to the disk plane, z) variables un-
der the assumptions: 1) hydrostatic equilibrium in the
direction normal to the disk plane, 2) local thermal equi-
librium between the heating due to viscous dissipation
and radiative cooling rates at each radii, and 3) ad hoc
prescriptions of effective viscosity ν. These models pro-
vide estimates for the angular momentum transfer rates
which can be used to compute the evolution of the sur-
face density (Σ). In a steady state, the radial distribu-
tion of Σ, and the (R, z) distribution of T and ρ can
then be determined in terms of the accretion rate M˙d
onto an SMBH’s of mass Mbh.
In Appendix A we derive a steady state geometrically-
thin viscous disk model. Below we use this model to ob-
tain useful scaling laws and estimate a range of densities
and sound speeds to use as external conditions for our
AGN star models in § 5.
3.1. A generic scaling law for marginally
self-gravitating disks around AGNs
The gravitational stability of an accretion disk is mea-
sured in terms of
Q =
cs,aΩ
piGΣ
=
hMbh√
2piΣR2
=
Mbh√
8piρaR3
. (1)
Regions of the disk with Q & 1 are stable and the mid-
plane density ρa can be approximated with a steady-
state α-viscosity prescription (see Appendix A). In the
gas-pressure dominated region, ρa ∝ r−33/20pc where
rpc = R/1pc (Eq. A10). For a constant opacity, Q ∝
r
−27/30
pc such the outer regions of the disk are more prone
to gravitational instability (GI). Marginal stability is at-
tained with Q ' 1 (Eqs. 1 and A10) at
RQ ' 0.02
(
κ3α7
µ
)2/27
m
1/27
8
f
8/27
m
pc. (2)
A similar expression can be obtained for the radiation
pressure dominated region.
At radius R & RQ, the conventional disk-structure
models need to be modified to take into account changes
in 1) the gravity normal to the disk plane (Paczynski
1978), 2) momentum transfer, and 3) possibly thermal
and momentum feedback from newly formed or captured
stars. In regions where marginal gravitational stabil-
ity can be maintained with Q ∼ 1, the growth of non-
axisymmetric structure leads to a torque that transports
angular momentum with an equivalent αGI ∼ 1 (Lin &
Pringle 1987; Kratter & Lodato 2016). This efficiency
is substantially larger than that (αMRI ∼ 10−3) result-
ing from MHD turbulence induced by the magnetorota-
tional instability (MRI) (Bai & Stone 2011) in the inner
disk region where self gravity of the disk is negligible
(with Q 1). We adopt a convenient prescription
α = αMRIfQ + αGI(1− fQ). (3)
We approximate the transition between GI and MRI
with a dimensionless factor f(Q) which steeply increases
from 0 to 1 as Q increases beyond ∼ 1.
The above α − Q relationship eliminates another de-
gree of freedom (in addition to the M˙bh −Mbh relation
in Eq. A5). It is a reasonable approximation provided Q
is not much less than unity. But even with α ' αGI ∼ 1
(in Eqs. A9-A11 and A12-A14), Q  1 at R greater
than a few RQ. In such violently unstable disks, global
spiral structure rapidly grows and induces angular mo-
mentum transfer on a dynamical time scale (Papaloizou
& Savonije 1991).
However, star formation may also be triggered in these
disk regions if their cooling time scale
τcool =
Eth
Q−
. 3
Ω
where Eth ∼
∫ H
−H
Praddz (4)
is the column density of thermal energy (Gammie 2001).
In the gas/radiation pressure dominated regions (with
βp ≷ 1) Eth ∼ ΣRgTa/µ and ∼ 2aT 4aH/3 respectively.
Both limits can be taken into account with
Etot ∼ 2
3
(1 + βp)aT
4
aH. (5)
The cooling time τcool, in the opaque (τ  1) limit, is
τcool ' 4(1 + βP)Hτ
3c
=
4
√
2(1 + βp)cs,aτ
3cΩ
(6)
where βp is the gas to radiation pressure ratio (Eq. A3)
In thermal equilibrium where the local viscous dissipa-
tion is balanced by the radiative diffusion, τcool ∼ 1/αΩ
(Pringle et al. 1973). In this case, the necessary condi-
tion for star formation (i.e. Eq. 4) is attainable in the
limit of marginal gravitational stability (Q ∼ 1) when
α ∼ 1 (Eq. 3).
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The onset of star formation leads to additional mo-
mentum and energy sources such as stellar luminosity,
wind, supernovae, and accretion onto their remnants.
These processes increase Tc, cs,a, and H. They also in-
crease Q and τc as well as reduce α and therefore reduce
the heating rate. With a self regulated star formation
rate, marginal gravitational stability may be maintained
with Q ∼ 1 outside RQ. Here we introduce a scaling law
to construct a generic model for marginally stable disk
regions at R & RQ.
From the steady state M˙bh −Mbh relation (Eq. A5),
M˙d = M˙bh = 3
αh3
Q
MbhΩ and (7)
h =
(
M˙dQ
3αMbhΩ
)1/3
=
f
1/3
m Q1/3
α1/3
hQ, hQ =
0.025r
1/2
pc
m
1/6
8
.
(8)
The corresponding midplane and surface density are
ρc =
ρQ
Q
, ρQ =
Mbh√
8piR3
= 8.3× 10−16m8
r3pc
g cm−3,
(9)
Σ =
f
1/3
m ΣQ
Q2/3α1/3
, ΣQ = 2ρQhQr =
180m
5/6
8
r
3/2
pc
g cm−2.
(10)
From the midplane sound speed,
cs,a =
hΩR√
2
∼ f
1/3
m Q1/3
α1/3
cs,Q, cs,Q = 10
6m
2/3
8 cm s
−1,
(11)
we find the midplane temperature for the gas/radiation
pressure dominated regions,
Ta,gas =
(
fmQ
α
)2/3
TQ,gas, TQ,gas ' 1.3× 104m2/38 K
Ta,rad ∼ f
1/6
m TQ,rad
α1/6Q1/12
, TQ,rad ∼ 1.4× 103m
5/12
8
r
3/4
pc
K.
(12)
If marginal gravitational stability is maintained out-
side RQ, the outer regions of the disk would have Q ∼ 1
and α ∼ 1 with h ∼ hQ, ρ ∼ ρQ, cs,a ∼ cs,Q, and
Tc ∼ Tc,Q. Equations (8), (9), (11), and (12) provide
a range densities and sound speeds for the AGN disk.
Note that in Equation (11), cs,a is independent of R.
3.2. Additional heating mechanisms
Similar to protostellar disks (Garaud & Lin 2007), ir-
radiation on the disk surface can significantly increase
Q+, Te, and Ta, in outer regions (R  Rs) of the disk.
In addition embedded stars, formed in situ or captured
by the disk, provide additional heat sources. UV pho-
tons (S∗ ∼ 1051s−1) from individual massive stars ionize
the nearby gas and raise its temperature to T ∼ 104 K
inside a Strömgren sphere within a radius of
Rst = (3S∗/4pin2β2)1/3cm (13)
where β2 = 2 × 10−10 T−3/4 cm3 s−1 is the total re-
combination rate, T and n is the temperature and num-
ber density inside the sphere. Surrounded by gas in
gravitationally unstable regions of the disk at r & 1pc
around a Mbh ∼ 108M SMBHs (with ρQ and TQ),
Rst (& 1015cm) around O-B stars is larger than their
Bondi radii RB for cs,a ' 10 km s−1 gas (Eq. 15).
Based on these discussion, we consider marginally-
stable (Q ∼ 1) regions of the disk with α ∼ αGI ∼ 1.
We explore a relevant range of Ta (103−4) K, ρa (10−17−
10−15 g cm−3), and cs,a (3-10 km s−1).
4. MODELLING STELLAR EVOLUTION IN AGN
DISKS
As discussed in § 2, theoretical arguments and ob-
servations suggest that stars can find themselves inside
AGN disks. In this section we discuss the physical ingre-
dients that we implemented in our models to simulate
the evolution of such objects, which we call AGN stars.
4.1. Accretion
A star of mass M∗ at rest relative to gas of density ρa
and temperature Ta inside an AGN disk accretes mate-
rial at a rate
M˙B = η piR
2
B ρa cs,a, (14)
where cs,a is the local sound speed in the disk, RB is the
Bondi radius defined as
RB =
2GM∗
c2s,a
, (15)
and η is an efficiency factor (η ≤ 1).
The amount of material that is actually accreted de-
pends on the ability of the inflow to lose angular mo-
mentum and on the radiation feedback from the accret-
ing object. While the need to shed angular momentum
can severely reduce the accretion rate onto compact ob-
jects (Li et al. 2013; Roberts et al. 2017; Inayoshi et al.
2018), the ratio RB/R∗ ∼ 102...4 is much smaller for
AGN stars than for BHs and NS (∼ 108) and so this is
less of a barrier to accretion.
In our models we use Eq. 14 with an accretion ef-
ficiency η = 1. However, since M˙B ∝ ηρa/c3s,a (∝
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ηρa/T
3/2
a ), a different choice of η is equivalent to a
rescaling of the local AGN conditions. For example,
for a fixed Ta, an AGN star model with ρa = 10−16 g
cm−3 and η = 1 is identical to one with ρa = 10−15
g cm−3 but an accretion efficiency η = 0.1. We also
assume that the star accretes material with a fixed com-
position (X = 0.72, Y = 0.28), and that the entropy of
the accreted material is the same as that of the stellar
surface. The latter assumption corresponds to an accre-
tion process in which advection is slower than thermal
equilibration. In Appendix C we demonstrate that this
holds.
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Figure 2. Evolution of total mass as function of time for
a model of an AGN star at a density of 4 × 10−18 g cm−3
and sound speed 10 km s−1 respectively (corresponding to
an AGN temperature of about 130 K). Green hatched re-
gions are convective and the blue shading shows the rate of
nuclear energy generation. The inset shows a zoom on the
first 70 Myr of evolution. Accretion initially dominates and,
after about 73Myr, the star reaches a mass of approximately
200M. As the star increases its luminosity, the relative size
of its convective core increases. Because of mass accretion
and helium enrichment, the star exceeds the Eddington lu-
minosity, which drives a super-Eddington stellar wind that
eventually dominates over accretion (see Fig. 3). At the end
of its evolution the model has a mass of ≈ 10M, and is ex-
pected to undergo core-collapse and leave behind a compact
remnant.
For the range of ρa, Ta, and cs,a we are considering
for AGN disks, M˙B is comparable to or larger than that
in star-forming dense molecular cores1. Since massive
1 These have densities of order ∼ 10−20 g cm−3 and temperatures
of order ∼ 10K.
stars can emerge within 106 yr in the latter, we expect
massive stars to rapidly grow in AGNs (Fig. 2).
4.2. Mass loss
The large accretion rates that can characterize the
evolution of AGN stars result in extremely massive stars
with rapid nuclear burning. Hence, many AGN stars
reach the Eddington luminosity
LEdd ≡ 4piGMc
κ
= 3.2× 104
(
M∗
M
)
L, (16)
where κ is the opacity and we used the electron scatter-
ing value to calculate the scaling relation on the right-
hand side of eq. 16. When the stellar luminosity exceeds
this limit, high mass loss rates are expected (e.g. Owocki
& Shaviv 2012; Smith 2014). While the details of this
process are complex (Maeder & Meynet 2000; Owocki
et al. 2004; Gräfener & Hamann 2008; Gräfener et al.
2011; Quataert et al. 2016), similarly to other works
(e.g. Paxton et al. 2011) we assume a super-Eddington
outflow at the escape velocity vesc = (2GM∗/R∗)1/2,
with scale set by the excess luminosity LEdd − L∗. In
particular, we take
M˙Edd = − L∗
v2esc
[
1 + tanh
(
L∗ − LEdd
0.1LEdd
)]
, (17)
where the tanh term is used to smooth the onset of mass
loss and help the calculations converge.
As we show in § 6, our models of massive and very
massive AGN stars evolve with L∗ ' LEdd. As such we
expect their mass loss to be completely dominated by
super-Eddington, continuum-driven winds, and there-
fore we do not include any wind mass loss caused by
line-driving (Lamers & Cassinelli 1999; Vink et al. 2001;
Vink & de Koter 2005; Smith 2014).
4.3. Interplay Between Accretion and Mass Loss
When AGN stars exceed their Eddington luminosities
we expect a complex interplay between accretion and
mass loss. In particular, we expect that turbulent eddies
break spherical symmetry, allowing the system to form
separated channels of inflows and radiation-dominated
outflows 2. The star should then be both accreting and
losing mass at the same time.
In our models, we include the effects of accretion and
mass loss as follows: for L∗ < LEdd we just add material
2 In the presence of rotation, such symmetry breaking is likely
promoted by the fact that rotating stars have hot poles and cool
equators. In that case, one might expect polar outflows removing
mass from the star, while reduced accretion might still occur
closer to equatorial regions.
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Figure 3. Time evolution of accretion and mass loss rates
in an AGN star model evolved at a density of 4 × 10−18 g
cm−3 and ambient sound speed 10 km s−1 (top panel). The
core composition is shown in the middle panel (Xc and Yc are
the core hydrogen and helium mass fractions, respectively).
The ratio of stellar luminosity to mass (L/M) in solar units is
shown in the bottom panel and compared to the Eddington
value.
to the star according to Eq. 14. For L∗ ≥ LEdd we first
calculate a reduced accretion rate
M˙B,Γ = M˙B (1− tanh |L∗/LEdd|) , (18)
which accounts for the decreased solid angle available to
accretion as the star drives a super-Eddington outflow.
This form is purely phenomenological, and was chosen
to be smooth and satisfy the constraints of giving the
unmodified Bondi accretion rate when L∗  LEdd and
zero accretion when L∗  LEdd.
To incorporate the effect of simultaneous mass loss
and accretion on the composition of our models, in each
time step dt we first remove an amount of material
∆Mloss = M˙Edd dt, (19)
and subsequently add an amount of material
∆Mgain = M˙B,Γ dt. (20)
The ordering of these allows the AGN stars to release
nuclear-processed material back to the AGN even when
it is net accreting (M˙B,Γ > M˙Edd).
The qualitative evolution of AGN stars close to the
Eddington limit does not depend too much on the details
of how material is added and removed so long as three
qualitative features hold:
1. AGN stars are able to release nuclear-processed
material back to the AGN.
2. AGN stars reaching the Eddington limit lose mass
at an increasing rate as L∗/LEdd increases.
3. Accretion onto AGN stars slows as L∗/LEdd in-
creases.
4.4. Internal Mixing
As AGN stars accrete material and become more
massive we expect them to become increasingly mixed.
This occurs for several reasons. First, massive stars
have large convective cores which grow as the star be-
comes more massive. We shall see that AGN stars also
form such cores, which are well-mixed by convection.
Secondly, AGN stars become increasingly radiation-
dominated as they become more massive. This occurs
in normal massive stars as well, but because of the un-
usual surface boundary conditions of stars embedded in
AGNs (§ 4.5), the entire star often evolves to a state
where Prad ≈ Pgas. This means that the star is nearly a
γ = 4/3 polytrope, which radically reduces the thresh-
old for any instability to develop, such that even radia-
tive regions can be extensively affected by mixing pro-
cesses (see, e.g. Jiang et al. 2015, 2018b).
Moreover, the interplay of accretion and mass loss is
likely to drive strong circulations in the outer radiative
part of the star. For example, if mass accretion occurs
preferentially in the equatorial regions while mass is lost
primarily in the form of polar winds, a strong meridional
flow will be driven to restore pressure balance. This is
the case even in the absence of rotational mixing, though
rotational mixing is also likely to be important when
AGN stars accrete material with significant angular mo-
mentum. We will study the impact of rotation on AGN
stars evolution in future works.
We model the effect of mixing by adding a composi-
tional diffusivityD that increases with stellar luminosity
as
D = Hp
(
F
ρ
)1/3
tanh
(
L∗
LEdd
)ξ
, (21)
where F is the heat flux and
Hp ≡ P
ρg
(22)
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is the local pressure scale height. The form of this ad-
ditional diffusivity is set to be of order the convective
diffusivity were the region efficiently convectively unsta-
ble. We chose a large value of the exponent (ξ = 7)
so that stars become well-mixed only when they get
very close to the Eddington limit. With this prescrip-
tion, AGN stars that accrete large amounts of mass and
reach their Eddington luminosity do not build substan-
tial compositional gradients while burning hydrogen in
their cores, and evolve quasi-chemically homogeneously
(Maeder 1987; Yoon & Langer 2005). On the other
hand, AGN stars that only accrete a few solar masses of
material evolve mostly as canonical stars. We note that
our results depend very weakly on the specific choice of
ξ > 1.
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Figure 4. Zoom in on the evolution of an AGN star model
at a density and ambient sound speed of 4×10−18 g cm−3 and
10 km s−1 respectively. The Kippenhahn plots show the in-
creasing role of internal mixing as the stellar mass increases.
In the upper panel the blue shading shows the magnitude of
the compositional diffusivity D (in cm2 s−1), which is always
large in convective regions (green-hatched) and increases in
radiative regions as the star approaches the Eddington limit
(see Eq. 21). In the lower panel the shading indicates the
helium mass fraction (Y). He-rich material is efficiently dif-
fused from the stellar core into the stellar envelope starting
around 67Myr.
4.5. Surface Boundary Conditions
Accretion often involves a shock at which material
slows from super-sonic to sub-sonic. To avoid modelling
the accretion shock in MESA, we place the outer bound-
ary of the MESA model just inside the shock. To do this
we must specify the surface pressure and temperature
of the model as functions of L∗, M∗, R∗, and the AGN
properties.
We derive the structure of the accretion stream, and
hence of the surface of the stellar model, by making the
following assumptions and approximations:
1. The stream is spherically symmetric.
2. The stream is in steady state.
3. The stream is not pressure supported.
4. The stream primarily transports heat via radiative
diffusion.
5. The luminosity is constant in the stream.
6. The mass of the stream is small compared with
M∗.
7. The opacity of the stream is constant.
In Appendix D we will verify that the resulting solution
either obeys these or is not significantly altered if they
fail to hold. Assumption (3) is the most suspect, as
radiation pressure may be significant when L∗ ≈ LEdd,
but we suspect that even in such cases the answer is
unlikely to be very different from what we derive below.
4.5.1. Pre-Shock Properties
With our assumptions, the inviscid Navier-Stokes
equation reads
∂
∂r
(
1
2
v2
)
+
GM∗
r2
= 0, (23)
and mass continuity becomes
M˙ = 4pir2ρv = const.. (24)
Assuming the material is stationary at infinity, we find
v ≈
√
GM∗
r
. (25)
Inserting this into equation (24) we obtain
ρ =
M˙
4pir2
√
r
GM∗
. (26)
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The optical depth in the stream it
τ =
∫ r
∞
κρdr. (27)
Using equation (26) and taking the opacity to be fixed,
we find far from RB,
τ ≈ κρaRB
√
RB
r
. (28)
The equation of radiative thermal equilibrium is
dT
dr
= − 3κρL
64pir2σT 3
. (29)
With fixed κ and L, and using ρ ∝ r−3/2, we find that
at high optical depth
T ∝ r−5/8. (30)
4.5.2. Post-shock Properties
Because thermal diffusion is much faster than thermal
advection over scales of R∗ (see Appendix D) there is no
significant temperature jump at the shock. Rather, the
increased entropy is turned promptly into luminosity, of
order
Lshock ∼ M˙v2, (31)
which is added to L∗ to set the total luminosity in the
accretion stream.
Because there is no temperature jump, the surface
temperature of the star is just that of the base of the
stream. In the models of interest the accretion stream is
always optically thin. Because the surface stellar density
increases rapidly with depth we place the photosphere
at the base of the stream and compute
T∗ = 21/4Teff (32)
where
Teff =
(
L
4piR2∗σ
)1/4
(33)
and the factor of 21/4 is the usual one relating surface
and effective temperatures.
The pressure just after the shock is given by the sum
of gas and radiation pressure. This is related to the
pressure just before the shock by the ram pressure, so
we write
Pafter = Pram + Pbefore. (34)
We shall argue later that because the thermal diffusivity
is high, the temperature jump across the shock is very
small. As a result the radiation pressure is nearly the
same on either side of the shock, so equation (34) relates
the gas pressure before and after.
The ram pressure due to inflows is
Pram,inflow ≈ ρv2 ≈ GM∗ρ
R∗
. (35)
When the AGN star loses mass there is a similar term
accounting for the force required to launch the outflow:
Pram,outflow = ρoutflowv
2
esc =
M˙Eddvesc
4piR2∗
. (36)
To ensure that this boundary condition smoothly re-
duces to the usual Eddington atmospheric condition we
also add a contribution (1/3) aT 4surf + g/κsurface, so in
full
Psurf =
1
3
aT 4surf +
GM∗ρ
R∗
+
M˙Eddvesc
4piR2∗
+
g
κsurface
. (37)
Note that we neglect the gas and radiation pressure in
the accretion stream and just use the ram pressures be-
cause we have assumed that the stream is not pressure
supported and hence that the total ram pressure exceeds
gas and radiation pressures.
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Figure 5. Time evolution of relevant radii for the problem
of a star evolving in an AGN disk. The largest radius is
always the Bondi radius (Eq. 15). The outer boundary of
the MESA calculation is placed at the shock radius, where the
infalling material slows from super-sonic to sub-sonic. Values
are showed for an AGN star model at a density and ambient
sound speed of 4× 10−18 g cm−3 and 10 km s−1 respectively
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5. NUMERICAL IMPLEMENTATION
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We implemented the physics described in § 4 using the
Modules for Experiments in Stellar Astrophysics (MESA
Paxton et al. 2011, 2013, 2015, 2018, 2019) software
instrument. Details of the numerical implementation,
together with the microphysics inputs to this software
instrument are given in Appendix B.
In the next section we show calculations of AGN stars
evolution with ambient conditions cs,a and ρa as derived
in § 3. We also verify that in our MESA implementation
the evolution of AGN stars reduces to classic stellar evo-
lution for (Ta,ρa)→ 0.
The most important physics affecting the evolution
of AGN stars is accretion. The initial accretion rate
depends on the AGN conditions cs,a and ρa, and the
initial mass of the star. All of our models begin with
an initial mass of 1M and an initial metallicity of Z =
0.02. We find that different choices of initial mass M >
1M do not change our results significantly.
For these models we also assume that AGN stars re-
main at constant cs,a and ρa throughout their lives, and
that the composition of accreted material is constant
with X = 0.72, Y = 0.28 and Z = 0. We do not account
for migration through the disk or stellar feedback be-
yond the super-Eddington winds accounted in our mod-
els (§ 4.2).
6. RESULTS
There are three important timescales regulating the
evolution of AGN stars: the accretion timescale τB =
M∗/M˙B, the nuclear timescale τNuc ≈ 0.007M∗c2/L∗,
and the AGN lifetime τAGN. The evolution of AGN
stars is dictated by the hierarchy of these timescales.
6.1. Slow Accretion
When τB > τNuc or τB > τAGN, AGN stars accrete
small or negligible amounts of mass. Their evolution is
not substantially altered, but depending on the AGN
disk conditions a population of low- and intermediate-
mass stars with AGN-like photospheric chemistry could
be formed. This population of long-lived AGN stars is
interesting because could provide observational tests of
the theory as well as a probe of former AGN conditions
(see § 7).
6.2. Intermediate Accretion
When τNuc . τB < τAGN the accretion timescale is
comparable to the burning timescale. AGN stars in
these circumstances initially become massive via accre-
tion, but continue to burn hydrogen faster than they
accrete fresh fuel. As a result these stars evolve to late
nuclear burning stages. Moreover, due to their enhanced
internal mixing (see § 4), they tend to evolve quasi-
chemically homogeneously (Maeder 1987). Eventually
these AGN stars reach the Eddington luminosity, at
which point they tune themselves to sit near L∗ = LEdd.
This happens because on one hand mass loss reduces
L∗/M∗, while on the other hand the chemical evolution
of the core serves to increase L∗/M∗. The gradual in-
crease in the stellar mean molecular weight increases
the Eddington ratio L∗/LEdd, so once the star reaches
the Eddington limit, it will be forced to constantly lose
mass in order to keep near L∗ = LEdd (Owocki & Sha-
viv 2012). During their evolution, these well-mixed stars
produce and then expel significant quantities of nuclear
ash, which can serve to chemically enrich the AGN disk
(§ 7.1). Our intermediate accretion calculations reach
late phases of nuclear burning (typically oxygen burn-
ing) as H-free, compact stars with M∗ ≈ 10M. These
stars are expected to undergo core collapse and pro-
duce compact remnants (§ 7.2). In our model grid with
cs,a = 10 km s
−1, we predict that stars lie in this regime
when ρa ' 5×10−18 . . . 8×10−19 g cm−3 (tracks ending
with a star symbol in Fig. 6).
6.3. Runaway Accretion
When τB  τNuc < τAGN, AGN stars rapidly become
massive. Due to their enhanced internal mixing (see
§ 4) these models stay quasi-chemically homogeneous,
and hydrogen rich material accreted from the surface is
efficiently mixed in the stellar core. Because τNuc  τB
the star is supplied with fresh fuel at a rate faster than
it can burn it. The evolution therefore stalls at the zero-
age main sequence, and the runaway accretion process
results in a supermassive star (M∗  100M).
We predict that stars lie in this regime when ρa > 5×
10−18 g cm−3 and cs,a = 10 km s−1 (tracks ending with
upper triangles in Fig. 6), as well as for ρa > 1.5×10−19 g
cm−3 in models with cs,a = 3 km s−1 (See Fig. 14). AGN
stars models with cs,a = 100 km s−1 require much higher
values of density to become supermassive (ρa > 10−15
g cm−3), see models grid in Fig. 15 and 16. For cs,a =
10 km s−1 the models that become supermassive require
between 5 − 50 Myr to do so. Since M˙B ∝ ρac−3s,a, this
time decreases substantially for lower values of the AGN
sound speed. For cs,a = 3 km s−1 and ρa > 4 × 10−18
g cm−3, AGN star models become supermassive in less
than 2 Myr (Fig. 8).
If these models are allowed to accrete indefinitely they
ultimately terminate due to numerical problems, which
makes it difficult to predict the final outcome of their
evolution under high accretion-rates conditions. If we
artificially interrupt accretion, mimicking the star ex-
iting the AGN, entering a migration gap, or the AGN
dissipating altogether (e.g. for t > τAGN), they evolve
to later nuclear burning phases. This results in the ra-
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tio L∗/M∗ staying close to the Eddington limit, which
leads to significant mass loss (Eq. 17). Their evolution
is almost identical to what described in § 6.2, and the
end state for these models is also core-collapse as H-free,
compact stars of ≈ 10M. In § 7.2 we discuss the type
of stellar explosions and compact remnants these AGN
stars might produce.
Note that Goodman & Tan (2004) and Dittmann &
Miller (2020) also reported the possibility of producing
massive and supermassive stars in AGN disks. The main
difference with our scenario is that they focused on in
situ formation, while we are agnostic to the mechanism
producing stellar seeds in AGN disks. Similar to their
models, the maximum mass of our AGN stars is likely
set by their ability to halt accretion via feedback.
6.4. Massive and Very Massive Stars in the Inner
Regions of AGNs
Our results show that the inner regions of AGN disks
are likely populated by a large number of massive and
very massive stars. The total number of massive stars
that an AGN disk can produce via accretion onto low-
mass stars formed in-situ or captured from nearby nu-
clear clusters depends on the AGN properties, in par-
ticular its density, sound speed and lifetime. We have
shown that for values of the sound speed ≤ 10 km s−1,
runaway accretion occurs for densities higher than ≈
10−17 g cm−3. In this case AGN stars reach masses
above 100 M in less than 10 Myr, with the accretion
timescale decreasing rapidly for higher values of the den-
sity and lower values of the local sound speed. The
fate of these stars is not clear, as our models can not
follow their evolution when the accretion rates become
too large. However, it is conceivable that the accretion
process is eventually halted via some feedback process
and/or the star entering regions of the disk with much
lower values of the density (or much larger values of the
sound speed), or the AGN shutting off altogether. In
this case we have shown that the evolution of these stars
can proceed to later nuclear burning stages, with a large
fraction of the material accreted removed via a super-
Eddington wind (Fig. 8 and 9). This material has been
processed by high temperature nuclear burning, and so
it is returned to the AGN highly enriched in helium and
metals (Fig. 13). We discuss in § 7.1 the implications
of the presence of such thermonuclear factories in AGN
disks. These massive AGN stars are also expected to
leave behind a large population of compact remnants in
the inner regions of AGN disks, and we discuss possible
observational consequences in § 7.2 and § 7.3.
7. OBSERVATIONAL SIGNATURES
Here we discuss possible observational signatures of
AGN stars evolution. We focus on the predicted chemi-
cal enrichment of the host AGN, the type of stellar pop-
ulations that might be left in galactic centers, as well
as the stellar explosions and compact remnants result-
ing from this exotic stellar evolution pathway. Com-
pact remnants in AGN disks are particularly interesting
as progenitors of gravitational waves sources, and we
briefly discuss the impact of our scenario for this pro-
duction channel.
7.1. AGN Pollution
While measurements of abundances in AGNs are very
difficult and depend on detailed model assumptions
(Maiolino & Mannucci 2019), the consensus is that both
high- and low-redshift AGNs appear to have solar-to-
supersolar metallicities (e.g. Storchi Bergmann & Pas-
toriza 1989; Hamann et al. 2002; Jiang et al. 2018a;
Maiolino & Mannucci 2019). Despite careful and ex-
tensive searches, low-metallicity AGNs seem to be ex-
tremely rare (Groves et al. 2006).
AGN stars provide a potential explanation for this ob-
servational puzzle. Because they tend to be longer-lived
(due to rejuvination) and more efficiently mixed than
ordinary massive stars, AGN stars are able to process
more hydrogen and helium into metals. Moreover, they
lose large amounts of mass due to the interplay of ac-
cretion and mass loss occurring when they reach their
Eddington luminosity (Fig. 10). The composition of the
material lost by an AGN star model as a function of time
is shown in Fig. 11. While the material which falls onto
the star is 72 % H and 28 % He, the material which is
lost to the AGN disk is 36.6 % H, 61.7 % He, and 1.7 %
metals by mass (see cumulative yields in Fig. 12). Most
of the metals are produced towards the very end of this
model’s evolution, and real AGN stars may provide fur-
ther AGN enrichment via SN explosions and gamma-ray
bursts (GRBs).
Note that AGN stars models evolved at higher ac-
cretion rates can pollute the disk on much shorter
timescales. For example, models initially experience
runaway accretion but eventually entering regions of the
disk with lower densities and/or sound speed rapidly
evolve and lose large quantities of chemically-enriched
material. This is the case of the model shown in Fig. 9,
which released about 85.7 solar masses of He and several
solar masses of metals in less than 5 Myr (Fig. 13).
To determine whether or not the helium pollution we
predict is significant relative to the overall mass budget
of the AGN disk, note that the accretion rate in the
disk is given by equation (A5) as 2m8Myr−1. By con-
trast, our models show that typical massive AGN star
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Figure 6. A grid of stellar models is shown after evolving with a fixed AGN sound speed of 10 km s−1 and AGN densities ranging
from 10−16 to 10−21 g cm−3. The panels show the evolution of stellar mass as function of time for models starting withM = 1M.
Models evolving at densities higher than ≈ 5×10−18 g cm−3 experience runaway accretion and become supermassive stars (right
panel shows just these tracks, ending with up-pointing triangles). Models evolving at densities 5 × 10−18 ≤ ρa ≤ 8 × 10−19
become massive stars before losing mass via super-Eddington winds and ending their lives with M ≈ 10M (tracks ending with
a star symbol). At densities lower than ≈ 5 × 10−19 g cm−3 stars end their main sequence evolution before accreting sufficient
material to become massive stars (M . 8M).
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Figure 8. Evolution of AGN star models for different
AGN lifetimes. A 1M model accretes rapidly at ρa =
4×10−18 g cm−3 and cs,a = 3km s−1, becoming a 450M su-
permassive star in less than 2 Myr before the calculation ter-
minates due to numerical problems. Assuming shorter AGN
lifetimes and halting the accretion before this point, results
in different evolutionary pathways. For an AGN duration
longer than about ≈ 1.8 Myr the models produce massive
stars that undergo core-collapse independently of the inter-
nal mixing assumption (star symbols).
models enhances the primordial material of the AGN
disk at an average rate of 10−5 . . . 10−6 M yr−1. This
suggests a population of 105 . . . 106 AGN stars would
suffice to produce significant helium enrichment in the
disk. This calculation is complicated somewhat by the
different outcomes of AGN star evolution in different
density and temperature regimes, but provides the or-
der of magnitude population that would be required for
the chemical enrichment to be significant.
7.2. Stellar Explosions and Compact Remnants
The main feature of AGN stars evolution is the possi-
bility of growing to large masses via accretion, and evolv-
ing towards core collapse. We expect the relative yield of
core collapse supernova, GRBs, and compact remnants
in the inner regions of AGNs to be much larger than
what is anticipated for a stellar population with a stan-
dard IMF. In our models the interplay of accretion and
mass loss (see § 4.2) results in massive AGN stars evolv-
ing such that their ratio L∗/M∗ approaches and stays
at the Eddington limit. For an initial stellar metal-
licity of Z=0.02, we find that AGN stars that accrete
large amounts of mass subsequently lose most of their
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Figure 9. A 1M model accretes rapidly at ρa = 4 ×
10−18 g cm−3 and cs,a = 3km s−1. We simulate the shutoff of
the AGN (or the migration of the AGN Star in a migration
trap) by decreasing the local density by a factor 105 after
1.9Myr. The model stops accreting substantial amounts of
mass and evolves past the zero age main sequence. Similarly
to intermediate accretion models, the luminosity stays close
to the Eddington limit for most of the subsequent evolution,
resulting in large values of the mass loss rate. After about 5
Myr the model ends its life as a compact He star of ≈ 10M.
Hatched green regions in the lower panel are convective.
mass before reaching core collapse. The strong mass loss
rates and enhanced mixing experienced by these stars
cause them to reach core-collapse as compact, H-free
stars with M∗ ≈ 10M. In order to predict their likely
outcome after core collapse, we compare with the predic-
tions of Ertl et al. (2020), who looked at the explodabil-
ity of helium stars. The presupernova structures of our
models allow us to calculate their compactness param-
eter (e.g. O’Connor & Ott 2011; Sukhbold & Woosley
2014), which we then use to predict if the star produces
a successfull explosion and what kind of compact rem-
nant is left behind. Since the nuclear network adopted
during late phases of burning can affect the presuper-
nova structure and its core compactness (Farmer et al.
2016), we calculated a few models adopting a larger nu-
clear network (mesa_128.net, which uses 128 isotopes).
While a systematic study of the compactness param-
eter of AGN stars will be performed in a subsequent
work, in these models we found compactness parame-
ters above 0.2, which when compared with results of
Ertl et al. (2020) suggests they should produce a BH.
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These BHs can further accrete and merge, with impor-
tant implications for gravitational waves sources, as well
as LMXBs/HMXBs and GRBs in the inner regions of
galaxies. A population of energetic explosions embed-
ded in AGNs could result in important feedback effects
on disk accretion and structure, and possibly explain
some AGN variability (e.g. Graham et al. 2017).
7.3. Gravitational Waves Sources
The gravitational waves events detected by LIGO-
Virgo might originate from stellar mass binary black
hole (BBH) mergers in AGN disks (See e.g. McKer-
nan et al. 2012, 2014; Bartos et al. 2017; Stone et al.
2017; Graham et al. 2020). The recent detection of
a BBH merger with at least one BH formed in the
pair-instability mass gap, supports formation channels
requiring (multiple) stellar coalescences or hierarchical
mergers of lower-mass black holes in AGNs or star clus-
ters (GW190521, Abbott et al. 2020a,b).
For the “AGN channel”, the expected mergers rate is
usually parametrized assuming an initial distribution of
BHs and stars surrounding the central SMBH, with the
BHs formed either in a Toomre-unstable AGN disk or
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Figure 11. The mass lost by an AGN star model is shown
broken down by species as a function of time. This model
was evolved at a density of 4× 10−18 g cm−3 and a temper-
ature of about 130K (AGN sound speed of 10 km s−1). The
first part of the evolution is dominated by accretion, and ma-
terial is lost from the star at a very small rate. As the star
approaches the Eddington limit, enhanced mixing dredges
processed material up from the core and super-Eddington
winds then eject large amount of helium-rich material. As
the star evolves to late burning stages, it also loses material
rich in carbon and oxygen.
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Figure 12. Cumulative yields corresponding to the mass
lost by the intermediate accretion model in Fig 11. Through
its lifetime (≈ 77Myr), this model releases in the AGN 153.4
M of H, 258.6 M of He, 3.8 M of C, 0.015 M of N, 3.47
M of O and 0.001 M of Fe. This is just accounting for
stellar winds. A SN explosion would enhance these yields
further, and would do so mostly for heavier elements.
in a nuclear stellar cluster (Stone et al. 2017; McKernan
et al. 2018; Fragione et al. 2019; Tagawa et al. 2020). In
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Figure 13. Cumulative yields corresponding to the mass
lost by the model in Fig 9. This is a runaway accretion
model that experienced a shutoff of the AGN (or entered a
migration trap) after 1.9 Myr. Through its lifetime (≈ 5
Myr), this model releases in the AGN 39.6 M of H, 85.7
M of He, 2.36 M of C, 0.013 M of N, 0.85 M of O and
0.001 M of Fe. This is just accounting for stellar winds. A
SN explosion would enhance these yields further, and would
do so mostly for heavier elements.
our scenario, most compact remnants descend from ini-
tially low-mass stars that are either captured or formed
by the AGN disk, and in regions where the accretion
rate is sufficiently high become massive in a timescale
shorter than typical AGN lifetimes (1-100 Myr, e.g. Mar-
tini & Weinberg 2001; Haiman & Hui 2001; Khrykin
et al. 2019). Regardless of the details of star formation
in the regions surrounding SMBH, this process is likely
mimicking the effects of having a particularly top-heavy
IMF in the inner regions of the AGN disk. Our results
show that a large population of compact remnants could
be produced within AGNs in regions of the disk where
the accretion rate is sufficiently high.
The evolution of these compact remnants in AGNs
is dominated by a number of processes: disk migration
and binary formation (Bellovary et al. 2016; Secunda
et al. 2019; Tagawa et al. 2020), hardening via three-
body scattering and gaseous drag (Stone et al. 2017;
Leigh et al. 2018), gas accretion and mergers (Yang
et al. 2020), disc-binary interaction (Gröbner et al. 2020;
Ishibashi & Gröbner 2020). While the details are com-
plex, the literature supports the possibility of forming
larger and larger BH pairs via hierarchical merger and
accretion of a seed BH population, eventually allowing
the production of intermediate mass black holes (IMBH)
in AGNs. Our work strengthens this suggestion by pro-
viding a mechanism to rapidly and efficiently populate
the inner regions of AGNs with compact remnants.
7.4. The Galactic Center
An interesting application of AGN stars evolution
is the ability to constrain AGN disk parameters and
physics using some of the predictions on the type of rem-
nants, stellar explosions and GW sources expected from
this peculiar stellar evolution channel. While the space
parameter of AGN lifetime, density and sound speed
is degenerate, it is likely that progress could be made
by pairing different observational proxies. This route
could be particularly interesting for studying the Galac-
tic Center (GC), where observations of stellar popula-
tions and stellar remnants are directly available.
There is strong evidence for the existence of a central
massive black hole of ≈ 4 × 106M in the Milky Way
(Genzel et al. 2010). While the accretion rate onto this
SMBH is currently low, observations suggest that Sgr A∗
was much brighter in the recent past (Su et al. 2010).
If the Milky Way experienced an AGN phase not too
long ago, the properties of the stellar populations and
remnants currently observed in GC can be used to test
some of the ideas discussed in this paper.
The central parsec contains about 200 young massive
stars. The presence of so many young stars in the im-
mediate vicinity of the central black hole is unexpected
(Ghez et al. 2003b; Alexander 2005). The surface den-
sity of a group of massive O/WR stars in the inner 1pc
region raises steeply from ∼13 arcseconds (0.5pc) to a
few arcseconds, with no O/WR stars observed beyond
0.5pc (Paumard et al. 2006; Bartko et al. 2010). Another
group of early-type B stars (S-star cluster) shows a sim-
ilar sharp inward increase of its surface density (Bartko
et al. 2010). Stellar spectroscopy shows that some of
these stars might be He-rich (Martins et al. 2008; Habibi
et al. 2017; Do et al. 2018). There is evidence that the
present day stellar mass function (PMF) for the group
of centrally-concentrated O/WR stars is flat, and it be-
comes steeper moving further out (Paumard et al. 2006;
Bartko et al. 2010). The agreement is that the PMF
within 0.5pc is top-heavy (Genzel et al. 2010).
The two-body relaxation-time scale in the central par-
sec ranges between 1 and 20 Gyr, much longer than the
lifetime of the B and O/WR stars (Alexander 2005),
so this central concentration of massive stars can not
be a Bahcall-Wolf cusp (Bahcall & Wolf 1976, 1977).
On the other hand, lower mass old stars do not exhibit
this central concentration, their distribution flattening
close to the GC (Genzel et al. 2010; Do et al. 2017).
This is contrary to basic theoretical predictions (Bah-
call & Wolf 1976, 1977). A number of mechanisms have
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been proposed to account for the anomalous properties
of the stellar population in the GC, including in-situ
star formation and in-spiral of a star cluster (See Gen-
zel et al. 2010, for a review of these scenarios and their
challenges). In the context of AGN stars evolution, the
observations could be explained by low-mass stars ac-
creting large amounts of mass in the inner ≈ 1 pc region
of an AGN disk some ∼6 Myr ago. This could naturally
account for the surface densities of the different stellar
populations, a radially-dependent top-heavy PMF, and
chemical peculiarities observed in some of the B-stars
spectra.
The low-mass X-ray binary (LMXB) candidates iden-
tified in the galactic center by Hailey et al. (2018) are
found only within ≈ 1 pc. A possible explanation of
this peculiar distribution relies on the migration of com-
pact remnants binaries formed via gas-capture mecha-
nism during a former AGN phase (Tagawa et al. 2020).
However, in the context of AGN stars evolution, the 1 pc
cutoff could simply represent the radial distance beyond
which the gas conditions did not allow for enough ac-
cretion to form massive and very massive stars. Beyond
this radius, stars can still accrete substantial amounts
of mass, but they did not evolve towards core collapse.
Owing to their longer evolutionary timescales, some of
these intermediate mass objects could still be present in
the GC, possibly showing spectroscopic signatures of ac-
creted AGN material (Martins et al. 2007; Cunha et al.
2007; Martins et al. 2008; Habibi et al. 2017; Do et al.
2018) (see § 7.1).
8. CONCLUSIONS
Stellar evolution in AGN disks proceeds quite differ-
ently than in a vacuum. Depending on the density and
sound speed of the gas in which they are embedded,
abundant low-mass stellar seeds provided either via cap-
ture or in-situ formation can rapidly accrete and be-
come massive or super-massive stars. These stars have
large convective cores and their luminosity approaches
the Eddington limit, so their interiors are prone to mix-
ing. The interplay between accretion and mass loss is
likely to enforce envelope circulations, with the mixing
timescale decreasing rapidly as the star grows in mass.
Therefore, we expect AGN stars that accrete substan-
tial amounts of mass to evolve quasi-chemically homo-
geneously (Maeder 1987; Yoon & Langer 2005), their
surface composition largely reflecting the composition
of their nuclear-burning cores. AGN stars evolving as
massive and very-massive stars are expected to lose large
amounts of mass enriched in helium and CNO-processed
elements. When evolving to core-collapse, they can also
expel large amounts of heavy elements via SN explo-
sions, further polluting their AGN disk. Overall the
metallicity of AGNs is expected to increase rapidly in
the presence of AGN stars.
Due to the efficiency of internal mixing, AGN stars
that becomes massive and very massive stars are only
able to evolve when the accretion rate timescale be-
comes comparable or longer than the nuclear burning
timescale. Depending on the value of density and sound
speed of the medium they are embedded, our AGN stars
models are in this regime either from the beginning of
the calculation, or they enter it when the accretion rate
decrease substantially due to a change in the AGN disk
conditions. This could be due to the end of the AGN
phase, or the star migrating to regions of the disk with
different gas conditions (e.g. migration traps). Our
AGN star models that accreted large amounts of mass
eventually end their evolution as compact, H-free stars
of about 10 M that undergo core collapse. This out-
come is caused by the interplay of accretion and mass
loss, which in our implementation keeps these chemically
homogeneous stars evolving near L∗ = LEdd. There-
fore, we expect AGN stars to efficiently populate AGN
disks with compact remnants, to a rate much higher
than what expected from a population of stars with a
canonical IMF. While we defer a thorough study of the
parameter space of AGN stars to future works, the mod-
els computed for this paper point to an efficient produc-
tion of compact remnants in the inner regions of AGN
disks. These compact remnants are interesting seeds for
the growth of BH via further accretion and/or mergers,
with important implications for the gravitational waves
sources observed by LIGO-Virgo, and for LISA predic-
tions. A population of very massive stars and energetic
explosions in the inner regions of galaxies could also have
important consequences for the structure and accretion
properties of AGNs.
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A. TEMPERATURE AND DENSITY RANGE IN AGN DISKS
We adopt the conventional α-disk model (Shakura & Sunyaev 1973) for effective viscosity ν = αh2ΩR2, where
h = H/R is the aspect ratio and Ω is the angular frequency at a distance R from the SMBH. In hydrostatic equilibrium,
H =
√
2
Ω
cs,a '
√
2
Ω
√
RgTc
µ
(A1)
in the gas-pressure dominated region and
H =
√
2
Ω
cs,a ' 4aT
4
c
3ΣΩ2
(A2)
in the radiation-pressure dominated region. The relative importance of radiation pressure Prad compared to gas
pressure Pgas is measured by
βP =
Pgas
Prad
=
3Rgρ
µaT 3
(A3)
which is generally smaller than unity in the outer regions of the disk.
In steady state,
M˙d = 3piΣν ' 6piαρah3ΩR3 (A4)
where Σ = 2ρaH and ρa are the surface density and mid-plane mass density. We use the most probable values of
λ (∼ 0.6) and  (∼ 0.06) for the Eddington and efficiency factors respectively (see §1) obtained from the AGN evolution
models (Shankar et al. 2009) to derive a M˙d−Mbh relationship and remove one degree of freedom for the input model
parameters. We scale the SMBH’s mass by m8 ≡Mbh/108M and distance in the disk from it by rpc = R/1pc so that
the Keplerian speed Vk ' 7× 102m1/28 r−1/2pc km s−1, angular frequency Ω = 2.1× 10−11m1/28 r−3/2pc s−1, and
M˙bh ' λfm

LEdd
C2
' 2fmm8 M yr−1 (A5)
where the factor fm (∼ 1) takes into account the dispersion in both λ and .
In conventional steady-state accretion disk models (Shakura & Sunyaev 1973; Lynden-Bell & Pringle 1974), viscous
dissipation provides a heating rate
Q+ = 9ΣνΩ2/4 = 3M˙dΩ
2/4pi. (A6)
The cooling rate due to radiative diffusion in the direction normal to the disk is
Q− = 2σT 4e = 2σT
4
a τ/(1 + τ
2), (A7)
where Ta and Te are the midplane and surface effective temperatures respectively, and τ = κΣ/2 is the optical depth.
In low-density AGN disks, the dominant source of opacity κ above ∼ 2× 103 K is electron scattering κes = 0.2(1 + x)
cm2 g−1, where x is the ionization fraction (but see also Jiang et al. 2016). Below the sublimation temperature of
the refractory grains, dust opacity dominates and κdust ∼ 0.1T 1/210[Fe/H]cm2 g−1, where [Fe/H] is the metallicity of
the gas relative to the solar value (Bell & Lin 1994). For convenience, we approximate both κes (' 0.4 cm2 g−1) and
κdust (∼ 4× 10[Fe/H] cm2 g−1) as constants.
In thermal equilibrium Q+ = Q−. Using the M˙ −Mbh relation (Eq. A5), the effective temperature becomes
Te =
(
3M˙bhΩ
2
8piσ
)1/4
' 110f
1/4
m m
1/2
8
r
−3/4
pc
K. (A8)
Equations (A1) and (A4) lead to midplane temperature, density, and pressure
Ta =
(
κµM˙2Ω3
16pi2σαRg
)1/5
= Tag
(κµ
α
)1/5 f2/5m m7/108
r
9/10
pc
, (A9)
ρa =
µ6/5Ω11/10
3R
6/5
g α7/10
(
M˙4σ3
8pi4κ3
)1/10
=
ρagµ
6/5f
2/5
m m
19/20
8
κ3/10α7/10r
33/20
pc
, (A10)
Pgas =
( σ
2κ
)1/10( µM˙2
Rgpi2
)2/5
Ω17/10
6α9/10
(A11)
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with Tag = 3.7× 103K and ρag = 1.5× 10−13g cm−3 for the gas pressure dominated region and
Ta =
(
cΩ
2αaκ
)1/4
= Tar
(
m8
α2κ2r3pc
)1/8
(A12)
ρa =
pi2c3
3ακ3M˙2dΩ
=
ρarr
3/2
pc
ακ3f2mm
5/2
8
, (A13)
Prad =
cΩ
6κα
, (A14)
with Tar = 2.6 × 103K, ρar = 2.2 × 10−10g cm−3 for the radiation pressure dominated region. The solutions provide
the Ta and ρc distribution for different values of Mbh and M˙d. From equations (A3),(A9)-(A11) and (A12)-(A14), the
boundary separates the gas and radiation pressure (where βP = 1) occurs at
Rβ =
(GMbh)
1/3(αa)2/21
22/7(c/κ)6/7
(
µM˙2d
pi2Rg
)8/21
= 0.04µ8/21κ6/7α2/21f16/21m m
23/21
8 pc.
(A15)
The gas pressure is dominant for R < Rβ whereas radiation pressure is dominant for R > Rβ .
This steady state geometrically-thin viscous disk model provides an useful estimate for the values of Tc and ρa.
However, it is thermally unstable in the radiation pressure dominated region. Such an instability is incompatible with
the thermal equilibrium assumption based on which the model is constructed (Pringle 1981). Moreover these solutions
suggest the possibility of gravitational instability in the outer regions of the disk.
B. SOFTWARE DETAILS
Calculations were done with MESA version 11701. The MESA EOS is a blend of the OPAL Rogers & Nayfonov (2002),
SCVH Saumon et al. (1995), PTEH Pols et al. (1995), HELM Timmes & Swesty (2000), and PC Potekhin & Chabrier
(2010) EOSes.
Radiative opacities are primarily from OPAL (Iglesias & Rogers 1993, 1996), with low-temperature data from
Ferguson et al. (2005) and the high-temperature, Compton-scattering dominated regime by Buchler & Yueh (1976).
Electron conduction opacities are from Cassisi et al. (2007).
Nuclear reaction rates are a combination of rates from NACRE (Angulo et al. 1999), JINA REACLIB (Cyburt et al.
2010), plus additional tabulated weak reaction rates Fuller et al. (1985); Oda et al. (1994); Langanke & Martínez-
Pinedo (2000). Screening is included via the prescription of Chugunov et al. (2007). Thermal neutrino loss rates are
from Itoh et al. (1996).
The inlists, processing scripts, and model output will be made available at Zenodo.org.
C. THERMAL AND ADVECTION TIMES
The ratio of thermal time tth to advection time tadv is
tth
tadv
=
mabovecpT/L∗
mabove/M˙
=
cpTM˙
L∗
=
cpTM˙
LEdd
(
LEdd
L∗
)
, (C16)
where mabove is the mass above a given spherical shell and T is the temperature at the surface of the star. Letting κ
be the opacity of the accreting material, we write
LEdd =
4piGM∗c
κ
(C17)
and find with equation (14)
tth
tadv
=
cpTκηR
2
Bρacs,a
GM∗c
(
LEdd
L∗
)
. (C18)
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Inserting equation (15) we find
tth
tadv
=
4cpTκηGM∗ρa
c3s,ac
(
LEdd
L∗
)
. (C19)
With cpT ≈ c2s and η = 1, we then write
tth
tadv
= 2RB κρa
(cs,a
c
)( c2s
c2s,a
)(
LEdd
L∗
)
. (C20)
Using RB . 1015cm, ρa . 10−14g cm−3, κ . 1 cm2 g−1, cs,a/c . 10−3, and cs/cs,a < 10, we find that this ratio is no
more than
tth
tadv
.
(
LEdd
L∗
)
. (C21)
In these extreme cases with large Bondi radii and high AGN densities the luminosity quickly rises to Eddington in our
models, so this ratio is at most unity and it is a good approximation to let the entropy of the accreting material equal
that of the surface of the model. In less extreme cases L may be much less than LEdd, but then the pre-factor is much
smaller and the approximation is again good (Paxton et al. 2015).
D. ACCRETION STREAM ASSUMPTIONS
We now examine the assumptions we made in determining the properties of the accretion stream. Our aim is not
to ensure that every assumption is exactly upheld, but rather to see whether, if they fail to hold, that makes an
order-of-magnitude or scaling difference to our results.
We begin with spherical symmetry and the steady state assumption. Both of these assumptions are almost certainly
wrong: the accretion stream is neither spherically symmetric nor time-independent. Rather there will be regions that
are over-dense and under-dense, or moving faster or slower, and which regions these are may vary with time.
We have attempted to incorporate these effects qualitatively in our treatments of mass loss and gain, because there
the structure of the inflows and outflows likely matters and there are clear geometric effects such as that an inflow and
outflow cannot occupy the same space.
For the boundary conditions on temperature and pressure we believe these assumptions matter much less. For
temperature fluctuations this is because changes on a scale less than a thermal time of the accretion stream do not
alter the structure of the star or its nuclear burning. This is because the fluctuation time for the stream is of order the
free-fall time from RB to R∗, which is short compared with the thermal time-scale for most of the star. For pressure
fluctuations we already incorporated the effects of fluctuations in § 4.4 as an overall enhancement in mixing, as the
main effect of these is to produce waves and flows which may mix the star. The same is true of aspherical temperature
and pressure perturbations: these mostly serve to induce mixing (e.g. Eddington 1925) and typically become less
important the further one looks in the star (Jermyn 2015, Chapters 3, 7).
We next turn to the question of pressure support. Because the velocity scales as r−1/2 and the density as r−3/2, the
ram pressure scales as r−5/2. By contrast, the gas pressure scales as ρT ∝ r−17/8, which is a weaker scaling than the
ram pressure. As a result if the ram pressure dominates over the gas pressures at any radius it dominates everywhere
inside that radius. With equation (15) and the relation
P = γ−1ρc2s (D22)
we find
Pagn,gas ≤ Pagn = 2GM∗ρ
γRB
, (D23)
where γ is the adiabatic exponent. Comparing this to the ram pressure using equation (25) we find that the gas
pressure is at most of order the ram pressure at the Bondi radius, and the ram pressure rapidly comes to dominate
further inwards.
The radiation pressure follows a similar relation. With
Prad =
1
3
aT 4 (D24)
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and equation (30) we find
Prad ∝ r−5/2, (D25)
which is the same scaling as the ram pressure. Hence the either the ram pressure dominates over radiation pressure
at all radii or else the reverse holds. We can therefore evaluate which one dominates at the stellar radius, giving
Prad
Pram
=
aT 4∗R∗
3ρGM∗
. (D26)
Using equation (30) we have
∂rT
4 = −5T
4
2r
, (D27)
so we can write T 4 in terms of the luminosity and obtain
Prad
Pram
≈ aκL
160piσGM∗
, (D28)
where L here is the luminosity in the accretion stream. With a = 4σ/c and equation (16) we find
Prad
Pram
≈ L
10LEdd
(D29)
Hence radiation pressure is comparable to the ram pressure only when L is large compared with LEdd. This does
occur in our models, likely driving super-Eddington outflows, and so is cause for some caution and further study.
Nonetheless we suspect that the order of magnitude of the boundary conditions is not substantially altered by this.
This is partly because we expect aspherical effects where radiation is concentrated in some regions and attenuated in
others, so it seems likely that some material is accreted at a velocity comparable to that in equation (25), even if at
other longitudes and latitudes material is flowing out at vesc.
The remaining assumptions can be verified with order of magnitude estimates. Diffusion produces a heat flux
scaling as α∂2rT . By contrast advection transports heat through a term vT∂rs, where s is the entropy of the material.
Assuming a similarity solution, diffusion dominates if α  rv while advection dominates otherwise. The radiative
diffusivity of matter is
α =
16σT 4
ρ2cpκ
. (D30)
Suppose Ta ≈ 104 K, ρa ≈ 10−16g cm−3, and κ ≈ 10−3cm2 g−1. Then at the Bondi radius α ≈ 6 × 1034cm2 s−1.
Assuming a 100M star, we can evaluate rv to find
rv ≈ 2GM∗
cs,a
≈ 8× 1021cm2 s−1. (D31)
This is so much smaller than the thermal diffusivity that even if the AGN properties are very different we may safely
conclude that diffusion dominates at the Bondi radius. Moving inward from the Bondi radius, α scales as T 4ρ−2 ∝ r9/8
while rv ∝ r1/2. Advection may dominate at sufficiently small radii. In particular, it dominates for
r
RB
<
( α
rv
)−8/5
≈ 10−35. (D32)
The interior of the star is reached long before this happens, so it is safe to say that most heat transport in the accretion
stream is diffusive.
We next claim that the luminosity within the stream is constant. To verify this we begin with the first law of
thermodynamics in the form
Tds = dE + PdV, (D33)
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where E is the total specific energy including kinetic and potential and V is the specific volume. With the ideal gas
law we can write
PdV = −P
ρ
d ln ρ = −c
2
s
γ
d ln ρ. (D34)
Assuming the stream is not pressure supported, potential energy just turns into kinetic energy and
dE = cpdT ≈ c2sd lnT. (D35)
Because ρ varies more rapidly than T we see that |PdV |  |dE|. So
dL
dm
= −T ds
dt
≈ −P dV
dt
=
c2s
γ
d ln ρ
dt
. (D36)
To integrate this through the stream we note that∫
c2s
d ln ρ
dt
dm =
∫
dr
dt
c2s
dm
dr
d ln ρ
dm
dm =
∫
4pir2ρv
−3c2s
2r
dr = M˙B,Γ
∫ −3c2s
2r
dr ∝
∫
r−1Tdr ∝
∫
r−13/8dr. (D37)
With this we obtain
∆L ≈ M˙B,Γc2s,a
(
RB
R∗
)5/8
. (D38)
This is less than the luminosity jump at the shock, which is given by equation (31)
Lshock ≈ M˙B,Γv2 ≈ M˙c2s,a
RB
R∗
. (D39)
As the luminosity in the stream is given by the intrinsic luminosity of the star plus that of the shock, so long as L∗ > 0
the luminosity before the shock changes by at most order unity.
To show that the mass of the stream is small compared with the mass of the star, note that the mass of the stream
is given by
Mstream = M˙B,Γtff < M˙Btff , (D40)
where tff is the free-fall time from RB to R∗. This time is of order
√
R3B/GM∗, so using equation (14) we find
Mstream <
√
16pi2R7Bρ
2
ac
2
s,a
GM∗
≈ R3Bρa. (D41)
Even with generous values of RB ≈ 1015cm and ρa ≈ 10−15g cm−3, Mstream < 10−3M and so is negligible compared
with the mass of the star.
We have also assumed that the opacity of the accretion stream is a constant. This is likely not true, but for our
purposes it suffices to be able to define an average value in the stream and have this not vary too strongly as the
star evolves. Because we are concerned with an average over the stream this is likely a good approximation, as the
averaging process smooths over strong bumps and ridges in the opacity function.
Finally, we have claimed that the accretion stream is always optically thin. We empirically verified this by computing
the radius in the stream at which τ = 1 assuming the scaling relations in the stream. This we obtain from equation (28)
as
Rph = (κρa)
2R3B. (D42)
When Rph < R∗, the accretion stream is optically thick, because τ < 1 at r = R∗. Our MESA implementation actually
computes Rph and checks this condition. Whenever it is not satisfied we place the photosphere inside the accretion
stream and use equation (30) to instead find
T∗ = 21/4Teff
(
Rph
R
)5/8
. (D43)
This feature may be useful in future work investigating AGN stars at higher densities and temperatures.
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Figure 14. A grid of stellar models evolved with a fixed AGN sound speed of 3 km s−1 and AGN densities ranging from 10−17
to 10−20 g cm−3. The left panel show the evolution of stellar mass as function of time. Models evolving at densities higher than
≈ 1.5× 10−19 g cm−3 experience runaway accretion and become supermassive stars (tracks ending with up-pointing triangles).
Models evolving at densities 1.5× 10−19 ≤ ρa ≤ 5× 10−20 become massive stars before losing mass via super-Eddington winds
and ending their lives with M ≈ 10M (tracks ending with a star symbol). At densities lower than ≈ 5× 10−20 stars end their
main sequence evolution before accreting sufficient material to become massive stars (M . 8M).
E. MODELS GRID WITH cs,a = 3 km s−1
F. MODELS GRID WITH cs,a = 100 km s−1
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